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Abstract
The DArk Matter Particle Explorer (DAMPE), a space-based high precision cosmic ray detector,
has just reported the new measurement of the total electron plus positron energy spectrum up to
4.6 TeV. A notable feature in the spectrum is the spectral break at ∼ 0.9 TeV, with the spectral
index softening from −3.1 to −3.9. Such a feature is very similar to the knee at the cosmic nuclei
energy spectrum. In this work we propose that the knee-like feature can be explained naturally
by assuming that the electrons are accelerated at the supernova remnants (SNRs) and released
when the SNRs die out with lifetime around 105 years. The cut-off energy of those electrons have
already decreased to several TeV due to radiative cooling, which may induce the observed TeV
spectral break. Another possibility is that the break is induced by a single nearby old SNR. Such
a scenario may bring a large electron flux anisotropy that is observable by the future detectors.
We also show that a minor part of electrons escaping during the acceleration in young and nearby
SNRs are able to contribute to several TeV or higher energy region of the spectrum.
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I. INTRODUCTION
The DArk Matter Particle Explorer (DAMPE), which is one of the new generation space-
borne instruments for measuring cosmic rays (CRs), has been running in orbit for nearly two
years. Recently, the DAMPE Collaboration published their first result of the high energy
CR electron plus positron (e− + e+) spectrum from 25 GeV to 4.6 TeV, with the data
recorded between December 27, 2015 and June 8, 2017 [1]. The measurement of DAMPE is
very precise due to its unprecedentedly high energy resolution and strong electron/proton
discrimination [2]. This measurement provides the direct evidence of a spectral break at
∼ 0.9 TeV for the first time, which is consistent with the spectral break around 1 TeV
detected indirectly by ground-based experiments, such as H.E.S.S and VERITAS [3, 4].
The DAMPE spectrum shows another interesting feature at ∼ 1.4 TeV, although it is not
significant right now. Meanwhile, the uncertainties above 3 TeV are large at present, and
spectral features are still possible at the high energy end.
The most notable and clear feature of the DAMPE spectrum is the break at ∼ 0.9 TeV.
This feature is very similar to the ’knee’ of the cosmic nuclei energy spectrum, which has
been observed by ground-based experiments for more than 50 years [5, 6]. The origin of
the knee is still under debate due to the lack of direct measurement in space with clear
identification of nuclei species. One naturally explain is that the knee is caused by the
acceleration limit in the cosmic ray sources [7]. Similarly, the break feature at the electron
spectrum may also be caused by the cut-off energy of electrons, which is much lower than
that of nuclei because of the large radiative energy loss of the electron.
Supernova remnants (SNRs) have long been considered as the major source of galactic
CRs [8–10]. The electron injection of an SNR is often assumed to be happened at the birth
time of the SNR [11, 12]. However, this is true only when the delay time (the time from
birth to CR injection) of the injection is far less than the age of the SNR. In this work, we
consider a more realistic injection picture for SNRs. CRs are largely released from an SNR
when the SNR dies as a CR factory at an age of ∼ 105 yr [13]. Meanwhile, the maximum
energy of electrons in a mature SNR should decrease with time, due to significant radiative
cooling. As we will show, an evolution time of ∼ 105 yr corresponds to a cut-off energy of
∼ TeV for electrons, which can explain the TeV break detected by DAMPE.
On the other hand, spectral features in the electron spectrum are often expected in the
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TeV region, which could be produced by young and nearby CR sources [14, 15]. The final
released population mentioned above can hardly account for remarkable spectral features at
such high energy. However, if a minor part of electrons can escape from the SNRs during
the acceleration process, the young and nearby SNRs may contribute such a high energy
component. We will show below that the spectral index of this population of electrons can
be very hard, which is necessary for a distinctive spectral structure in high energies.
In this work, we use the CR electrons released at the final stage of SNRs to explain the
DAMPE result, and also consider the contribution from the CR electrons released during
the acceleration process. Besides, CR positrons contribute ∼ 10% of the total e− + e+ flux,
which have been measured by space-borne detectors with the magnetic spectrometer, such
as PAMELA and AMS-02 [16, 17]. The ‘positron excess’ in cosmic rays is one of the most
important findings in CR researches. Thus we attempt to explain the DAMPE e− + e+
spectrum and the positron fraction (e+/(e−+ e+)) of AMS-02 [17] simultaneously to obtain
a complete picture. We consider pulsar wind nebulae (PWNe) as the sources of high energy
positrons. Note that the e± injection spectrum of a PWN could have a rapid drop due to
the cooling effect. This mechanism may account for the tentative feature at 1.4 TeV of the
DAMPE spectrum, if this feature is actually edge-like.
This paper is organized as follows. In Sec. II, we introduce the propagation of CR
electrons and positrons (e±) after their injection into the interstellar medium (ISM), and
show the calculation of the e± spectrum at the Earth. In Sec. III, we describe the picture
of electron escape for SNRs, and also introduce the positron sources. In Sec. IV, the fitting
results are presented and analyzed. Then we discuss a possible scenario to reproduce the
TeV spectral break by a single nearby source in Sec. V. Finally, we conclude in Sec. VI.
II. PROPAGATION OF GALACTIC ELECTRONS AND POSITRONS
The propagation process of e± can be described by the diffusion equation with consider-
ation of the radiative cooling during their journey:
∂N
∂t
−∇(D∇N)− ∂
∂E
(bN) = Q , (1)
where N is the differential number density of e±, D denotes the diffusion coefficient, b is
the energy-loss rate, and the source function of e± is denoted by Q. The data of DAMPE
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is above 20 GeV, where convection or reacceleration has little effect on e− + e+ spectrum
[18], so the relevant terms are not included in Eq. (1). The propagation zone is set as a
cylindrical slab, with a radius of 20 kpc and a half thickness of zh. The diffusion coefficient
is usually assumed to be D(E) = βD0(R/1GV)
δ, where D0 and δ are both constants, β is
the velocity of particles in the unit of light speed, and R is the rigidity of e±. We adopt the
propagation parameters given by the DR2 model (the revised diffusion reacceleration model)
in Ref. [19]: D0 = (2.08± 0.28)× 1028 cm2 s−1, δ = 0.500± 0.012, and zh = 5.02± 0.86 kpc.
This DR2 model is the best performing model in Ref. [19] when fitting to the latest B/C
data of AMS-02 [20]. The energy-loss rate has the form of b(E) = b0(E)E
2, where b0(E)
is decided by synchrotron and inverse Compton radiation of e±. We set the interstellar
magnetic field in the Galaxy to be 1 µG to get the synchrotron term [11, 21]. The inverse
Compton term refers to the calculation of [22], in which a relativistic correction to the
scattering cross-section is considered.
The general solution of Eq. (1) can be obtained by the method of Green’s function [23],
which is written as
N(E, r, t) =
∫∫∫
dE0dr0dt0Q(E0, r0, t0)G(E, r, t;E0, r0, t0) . (2)
The infinite three-dimensional solution can be a good approximation for high energy case
[15, 24], which takes the form of
G(E, r, t;E0, r0, t0) =
1
(piλ2)3/2b(E)
exp
[
−(r − r0)
2
λ2
]
δ(t− t0 − τ) , (3)
where
τ =
∫ E0
E
dE ′
b(E ′)
≃ 1
b0
(
1
E
− 1
E0
)
(4)
and
λ2 =
∫ E0
E
D(E ′)
b(E ′)
dE ′ ≃ D0
[
1− (E/E0)1−δ
]
b0(1− δ)E1−δ . (5)
For a point source with burst-like injection, the source function is Q(E, r, t) = Q(E)δ(r −
rs)δ(t − ts). Setting the location of the Earth as r = 0 and the present time as t = 0, and
substituting this source function expression into Eq. (2), we obtain the spectrum contributed
by a source with distance r and age t:
I(E, r, t) =
c
4pi
N(E, t, r) =
c
4pi5/2λ3
b(E⋆)
b(E)
exp
(
− r
2
λ2
)
Q(E⋆) , (6)
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where E⋆ = E/(1−b0Et). As to a point source with continuous particle injection, the source
function is written as Q(E, r, t) = Q(E, t)δ(r − rs). Similarly, we get the spectrum in this
case:
I(E, r, t) =
∫ tmax
tmin
c
4pi5/2λ3
b(E⋆)
b(E)
exp
(
− r
2
λ2
)
Q(E⋆, t0)dt0 , (7)
where tmax is the smaller one between the age t and 1/(b0E), and we set tmin to be r/c since
Eq. (1) does not reject superluminal case.
III. GALACTIC SOURCES OF ELECTRONS AND POSITRONS
A. An Electron Escaping Scenario of SNRs
Particles can be boosted to very high energies via the first-order Fermi acceleration in
the shock wave of an SNR [25–29]. Accelerated CR particles are trapped in the SNR for
∼ 105 years until the shock dissolves into the ISM. However, adiabatic energy losses during
the expansion of the SNR prevents the released CRs to reach the high energies as observed,
thus the additional particle escape process during the acceleration is required [30]. Hence
CR particles injected from SNRs can be divided into two populations: CRs escaping from
the upstream region during the Sedov phase, and CRs released in the final stage of SNRs
[13, 31]. In this work, we adopt the above picture for the electron injection of SNRs to
explain the DAMPE data.
1. Electron Spectra of SNRs
To obtain the injection spectrum, we apply the result of Ref. [32], in which the method
of asymptotic solution is used to get analytical expressions for electron spectra in SNRs.
Under the assumption that the energy losses of electrons are dominated by the synchrotron
radiation, the electron momentum distribution in the very high energy range at the shock
can be solved analytically from the transport equation as
f0(p) =
√
b(p)/p exp
[
−γ
2
u21
(
1 +
√
κ
)2 ∫ p
0
b(p′)D(p′)
p′2
dp′
]
, (8)
where b(p) is the downstream synchrotron energy loss rate, D(p) is the diffusion coefficient
in the downstream, γ = 3σ/(σ−1) with σ denoting the shock compression ratio, u1 denotes
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the upstream shock speed, and κ is the ratio of the magnetic field of the upstream to that
of the downstream. In the case of nominal Bohm diffusion with D(p) = pc2/3eB, where e
is the electric charge and B is the downstream magnetic field, it can be inferred from Eq.
(8) that
f0(p) ∝ p1/2 exp(−p2/p2c) , (9)
where the cut-off momentum is written as
pc = 4.3TeV/c
(
u1
300 km s−1
) (
B
30µG
)−1/2
, (10)
if we take the standard compression factor σ = 4 and κ = 1/
√
11 as in Ref. [32]. In the
low energy region, the energy losses can be neglected, and the transport equation reduces to
the simplest diffusion-convection equation. Then f0(p) can be expressed by the well-known
form f0(p) ∝ p−4 for σ = 4.
In the high energy cut-off region, both the spatially integrated spectrua in the upstream
F1(p) and downstream F2(p) have the relations with f0(p) as ∝ p−1f0(p), and subsequently
∝ p−1/2 exp(−p2/p2c) [32]. While in the low energy part, the momentum distribution of
the upstream is f1(x, p) = f0(p) exp(u1x/D1) (x = 0 for the shock front and x < 0 for
the upstream region), which means F1(p) ∝ p−3 under the Bohm diffusion. Then the
downstream integrated spectrum is approximately given by F2(p) ∝ p−5, which can be
derived from the boundary condition at the shock front [32]. The integrated spectra change
gradually from the single power-law form to the form of p−1/2 exp(−p2/p2c) when p tends to
be pc. Since in the cut-off region the exponential term overwhelms the p
−1/2 term, we can
approximate the integrated spectra in the whole energy range by
F1(p) ∝ p−3 exp(−p2/p2c) , (11)
and
F2(p) ∝ p−5 exp(−p2/p2c) . (12)
2. Electrons Released at the Final Stage
As we have described above, electrons injected by SNRs may consist of a final released
component (population A hereafter) and a component escaping during the acceleration (pop-
ulation B hereafter). We assume all the SNRs dissolve into the ISM and massively release
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their electrons in a same evolution time of tend (the typical age of Sedov phase of an SNR is
∼ 5× 104 yr [33], which means tend & 5× 104 yr). This indicates that the population A can
only be contributed by SNRs older than tend, and thus the injection time of a source with
an age of t is t0 = t − tend. We use the smooth radial distribution of Ref. [34] for all the
SNRs with t > tend to calculate the spectrum of the population A.
For smooth distributed sources with the continuous injection, the observed spectrum can
also be derived by Eq. (2):
I(E) =
∫ 1
b0E
0
dt0
∫ rmax
0
dr0
∫ 2π
0
dϕ0
c
4pi5/2λ3
b(E⋆)
b(E)
exp
(
− r
2
0
λ2
)
f ρ(r0, ϕ0) r0Q(E
⋆) , (13)
where f = 4 century−1 galaxy−1 is the explosion rate of SNR in the Galaxy, ρ(r, ϕ) is the
normalized distribution centered on the solar system, E⋆ = E/(1 − b0Et0), and rmax =
min{20 kpc, ct0}. The population A should be a mixture of upstream and downstream
electrons, so according to Eq. (11) and Eq. (12), we write the injection spectrum of the
population A as
Q(E) = Q0,A(E/1GeV)
−γAexp(−E2/E2c ) , (14)
where Q0,A is the normalization, γA is the power-law index, and Ec denotes the cut-off energy
which is decided by Eq. (10). For the integrated spectra of the upstream and downstream,
we have γA = 1 and γA = 3 respectively. However, the population A should be dominated
by the downstream electrons, so γA should be between 2 and 3.
For an SNR which has gone through the free expansion phase, the shock velocity can be
expressed as
u1 = 3.9× 108 cm s−1 E1/351 n−1/3ISM
(
tevo
103 yr
)−3/5
(15)
for tevo < 4× 104E4/1751 n−9/17ISM yr, and
u1 = 2.3× 107 cm s−1 E11/5151 n−4/17ISM
(
tevo
105 yr
)−2/3
(16)
for tevo > 4 × 104E4/1751 n−9/17ISM yr, where tevo is the evolution time of the SNR, E51 is the
initial energy of SN ejecta in units of 1051 erg, and nISM is the number density of ISM in
units of 1 cm−3 [33]. Here we take the typical value E51 = nISM = 1 for them. If we assume
a typical magnetic field of 10 µG for the SNR environment, then we have the magnetic
field in the downstream as B = 30 µG for κ = 1/
√
11. Then for an SNR stepping into the
radiative phase, the cut-off energy Ec is simply determined by tevo through Eq. (10) and
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Name Other Name r(kpc) t(kyr)
G65.3+5.7 - 0.9 26
G74.0-8.5 Cygnus Loop 0.54 10
G114.3+0.3 - 0.7 7.7
G127.1+0.5 R5 1.00 25
G156.2+5.7 - 1.00 20.5
G160.0+2.6 HB9 0.8 5.5
G263.9-3.3 Vela 0.29 11.3
G266.2-1.2 Vela Jr. 0.75 3
G347.3-0.5 RX J1713.7-3946 1.00 3.2
TABLE I. The name, distance, and age of SNRs within 1 kpc included by the Green’s catalog.
One can refer to Ref. [12] and references therein for parameters of these sources. For parameters
given in the form of interval in Ref. [12], we take the mean values here.
Eq. (16). Taking the typical lifetime of SNRs as tend = 10
5 yr, the corresponding Ec(tend)
is 3.2 TeV, and the break in the observed spectrum should begin at lower energy due to
cooling of electrons in the propagation. Such a behavior is consistent with the TeV break in
the DAMPE data. In the following fitting procedure, we set Q0,A, γA, and tend as the free
parameters of the population A.
3. Electrons Escaping during the Acceleration
The population B are accelerated electrons that are not advected to the downstream, but
escape from the upstream of the shock of an SNR. Obviously, the injection of the population
B should be a continuous process for each SNR. For those SNRs with age t > tend, the
injections last from t to t − tend, while for a source younger than tend, the injection should
last from t to now. The arrival spectrum of an SNR with continuous injection can be
calculate with Eq. (7). For t > tend, tmax = min{t, 1/b0E} and tmin = max{t − tend, r/c};
while for t < tend, tmax and tmin are defined as in Sec. II. The injection spectrum can be
expressed as
Q(E, t0) = Q˙0,B(E/1GeV)
−1exp{−E2/[Ec(t− t0)]2} , (17)
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where t0 is the injection time, Q˙0,B is the constant rate of injection, which has the unit of
GeV−1 s−1.
Eq. (11) indicates that the integrated spectrum in the upstream takes the form of ∝
E−1 in the low energy part. We adopt this hard spectrum as the power-law term of the
injection spectrum of the population B, as shown in Eq. (17). We have mentioned in
Sec. IIIA 2 that the momentum distribution of the upstream takes the form of f1(x, p) =
f0(p) exp[u1x/D1(p)] in the low energy region, which implies a harder spectrum for a farther
distance from the shock front. This is because the diffusion scale is larger for electrons with
higher energy. If one believes a larger diffusion scale equals to a larger chance of escape,
the injection spectrum should be even harder than ∝ E−1. We do not intend to investigate
the specific mechanisms of particle escape in the present work, but discuss a scenario of free
escape in Appendix A.
The cut-off energy for a continuous injection SNR is time dependent, which can be inferred
from Eq. (10), Eq. (15), and Eq. (16). The assumptions about E0, nISM, and B are kept
the same with those in Sec. IIIA 2. For an SNR with an age of t, when it releases electrons
at t0, it has evolved for a time of tevo = t− t0. Thus the cut-off energy should be Ec(t− t0).
We treat Q˙0,B as a free parameter. For old sources contributing to the population B,
their contributions are submerged in the population A. This means that their Q˙0,B cannot
be restrict by the data. On the other hand, the high energy end of DAMPE still reserves
the possibility of spectral features above ∼ 3 TeV. Such features can be produced by young
and nearby sources contributing to the population B, so we only focus on this kind of SNRs.
SNRs within 1 kpc included by the Green’s catalog [35] are displayed in Table I. All of them
are younger than ∼ 5 × 104 yr. We choose them as the sources of the population B, and
assume that they share a common Q˙0,B in the following fitting procedure.
B. Positrons
Although SNRs are expected to mainly account for the features of the e− + e+ spectrum
of DAMPE, extra positron sources are needed to explain the ’positron excess’ observed by
PAMELA and AMS-02. In this work, we use a single powerful pulsar as the high energy
e± source, and test two different known pulsars. Besides, the calculation of the secondary
positrons is also briefly mentioned.
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1. Pulsars
Electron/positron pairs are produced in the strong magnetic field of pulsars through the
electromagnetic cascade [36]. The details of the injection spectrum of pulsars is described
in Appendix B. In this work, the injection spectrum of a pulsar can be determined by
three parameters: the conversion efficiency from the total spin-down energy of the pulsar to
injected electrons or positrons, ηpwn, the spectral index of its PWN, γpwn, and the cut-off
energy of its PWN, Ec,pwn.
Firstly, we adopt PSR J0940-5428 to be the single source of the positron excess. The
reason of choosing this pulsar is given in Appendix B. PSR J0940-5428 is a Vela-like pulsar
[37] with a distance of 0.38 kpc, an age of 4.2×104 yr, and a spin-down energy of 1.34×1049
erg. It is also detected as a γ-ray pulsar [38]. There is no further information about its
injection spectrum provided by observations. So in the following model discussions, we set
all the parameters of the injection spectrum of PSR J0940-5428, i.e., ηpwn, γpwn, and Ec,pwn
as free variables. As we assume a continuous injection for pulsars, the spectrum at the Earth
should be calculated by Eq. (7).
Geminga pulsar is expected to be a significant e± contributor [39–41], which is nearby
(r = 0.25 kpc) and relatively old (t = 3.42× 105 yr) with a large enough spin-down energy
of 1.23× 1049 erg. We consider Geminga as an alternative single positron source, and set its
conversion efficiency ηpwn and power-law index γpwn as free parameters. The cut-off energy
Ec is fixed to be 50 TeV, which is consistent with the observation of HAWC along with
Milagro [42, 43].
Recently, there are arresting discussions about Geminga, focusing on whether its injected
e± can really reach the Earth [44, 45]. The spatial profile of γ-ray around Geminga implies
a much slower diffusion of e± in this region than that in the ISM [44]. However, if this slow-
diffuse region is fairly small, Geminga may still contribute considerably to the observed
e− + e+ spectrum [45].
2. Secondary Positrons
Secondary positrons produced by the inelastic collision between CR nuclei and ISM are
treated as the background of the exotic positron spectrum. We use the method of [18] to
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obtain the spectrum of secondary e±. The only difference is that we adopt the intensities
of incident H and He given by Ref. [12]. Besides, a rescaling parameter ce is introduced for
the secondary component in the following fitting procedure, considering the uncertainties in
the calculation.
IV. EXPLANATION OF THE DAMPE DATA AND FITTING TO THE MODEL
PARAMETERS
In this section, we show our explanation of the DAMPE data and fitting results of the
model parameters. Here we repeat again all the components needed to account for the total
e± spectrum: the population A and population B electrons from SNRs, a single pulsar as e±
source, and secondary e±. The common free parameters are Q0,A, γA, tend, and ce which are
determined by the fitting to the DAMPE e− + e+ and AMS-02 e+/(e− + e+) data. We seek
the best-fit model parameters by minimizing chi-squared statics1 between model predictions
and the experimental data. The best-fit parameters of these models are compiled in Table
II.
Figs. 1 and 2 show the fitting results compared with the DAMPE and AMS-02 data.
As expected, the TeV break of the DAMPE e− + e+ spectrum can be well reproduced in
all cases, owing to the cut-off energy of the population A of SNRs. The best-fit tend varies
from ∼ 9 × 104 yr to ∼ 1.4 × 105 yr, which is quite reasonable for the final release time of
particles in SNRs. The corresponding cut-off energies of injection spectra of the population
A vary from 3.5 TeV to 2.5 TeV.
In Figs. 1 and 2 we take the pulsar PSR J0940-5428 and Geminga as the single positron
source respectively. As shown in the figures, the e− + e+ spectra of PSR J0940-5428 and
Geminga are significantly different in the TeV region, which can be attributed to the differ-
ences between their t and Ec. The spectral break of Geminga around 1 TeV is due to its
old age: under the assumption of Eq. B1, most spin-down energy of the pulsar is released
in the form of e± in the early age of Geminga, and the high energy part of the e± has been
effectively cooled by now. On the other hand, the very high Ec ensures the spectrum of
Geminga to extend to tens of TeV, which is contributed by the e± injected at the later age
of Geminga. This indicates that no significant contribution from the population B is needed
1 Steven G. Johnson, The NLopt nonlinear-optimization package, http://ab-initio.mit.edu/nlopt
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Single pulsar J0940 Geminga
With Pop B? No Yes Yes
Parameters Bounds Best-fit Best-fit Best-fit
Q0,A [10
50 GeV−1] [0.1, 10.0] 2.60 2.61 2.66
γA [2.0, 3.0] 2.497 2.498 2.501
tend [10
5 yr] [0.4, 5.0] 0.94 0.89 1.44
Q˙0,B [10
33 GeV−1 s−1] [0.0, 10.0] - 1.72 0.19
ηpwn [0.0, 2.0] 1.29 1.21 1.26
γpwn [1.0, 2.7] 2.54 2.52 1.96
Ec,pwn [TeV] [0.8, 10.0] 3.24 2.37 -
ce [0.5, 2.0] 1.41 1.42 0.5
χ2/d.o.f 0.72 0.71 0.81
TABLE II. Best-fit parameters for three cases. The reduced chi-square of each model is also shown,
and ’d.o.f’ is the abbreviation of degree of freedom. As described in Sec. IIIB 1, the cut-off energy
of Geminga is fixed at 50 TeV, so its best-fit value of Ec,pwn is blank.
to prevent a fast spectral cut-off at the high energy end of DAMPE, as shown in Fig. 2.
In comparison, since PSR J0940-5428 is a much younger source, the plenty of high energy
e± released in its early age are still energetic now. The fitting result requires a large cut-off
energy of ∼ 3 TeV to suppress the spectrum at high energies and produce the break feature
at ∼ TeV. In this case, the values of E3I(E) for the population A and the single pulsar
descend in several TeV. Therefore the total e− + e+ spectrum quickly rolls off at higher
energies, as shown in the left panel of Fig. 1. If we expect an additional spectral feature
in the TeV region, the population B of SNRs is needed. The best-fit injection rate of the
population B is Q˙0,B = 1.72× 1033 GeV−1 s−1, corresponding to a total injection energy of
∼ 1046 erg for an SNR with an age of 104 yr (like Vela). Since the typical kinetic energy of
SN ejecta is 1051 erg, only a fraction of ∼ 10−5 of the total energy is required to deliver to
the population B.
We notice that the conversion efficiencies of the total spin-down energy to positrons are
larger than 1 for the two single pulsar cases. However, this is not a crucial problem. On
the one hand, the spin-down time scale τ0 is quite uncertain, which is important for the
12
FIG. 1. Results of the fitting to the DAMPE e− + e+ and AMS-02 e+/(e− + e+) data, with PSR
J0940-5428 as the single positron source in the high energy region. Left panels: the electron plus
positron spectrum. Right panels: the positron fraction. The results in the bottom panels include
the population B of SNRs, while the results in the top panels do not. In the legends, ’TOT’ stands
for the total e− + e+ flux (or e+/(e− + e+)) of all the sources, the population A of SNRs are
abbreviated to ’Pop A’, the population B are abbreviated to ’Pop B’, while ’J0940’ stands for PSR
J0940-5428.
estimation of the spin-down energy. On the other hand, the single pulsar model is definitely
a simplified picture. In the realistic case, e± should be contributed by more pulsars, which
may alleviate the demand for a large ηpwn.
The fitting requires a reasonable γpwn of 1.96 for Geminga, while the best-fit γpwn for PSR
J0940-5428 is ∼ 2.5. In fact, among all the identified PWNe with measurements of radio
spectral indices, only DA 495 has an electron spectral index larger than 2.5 (to be specific,
2.74)[46, 47]. The requirement of such a soft injection spectrum for PSR J0940-5428 in
the fitting is attributed to its younger age and farther distance, compared with those of
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FIG. 2. Same as Fig. 1, but for the case of Geminga as the high energy positron source.
Geminga. In general, a source with a large r and small t yields a hard e± spectrum at the
Earth, which cannot well fit the e+/(e−+e+) fraction of AMS-02. If the source accommodates
the e+/(e− + e+) data at low energies, the hard positron spectrum would cause a deviation
from the AMS-02 data above ∼ 300 GeV. Hence a large γpwn and soft injection spectrum
are required for PSR J0940-5428 as the single source to explain the positron observation.
Finally, we briefly discuss the tentative spectral feature around 1.4 TeV. If this feature
is a sharp peak, a mono-energetic electron injection at 1.4 TeV from a nearby source is
required, such as dark matter annihilation in a subhalo. However, if there exists some
unclear uncertainties, the spectral feature would not be a strictly peak. For instance, if
the count number at ∼ 1.2 TeV is underestimated, the actual spectral feature should be
edge-like around 1.4 TeV. We have described above that the spectrum of Geminga breaks
around ∼ 1.2 TeV due to cooling effect, which can create an edge-like feature at the TeV
region, as shown in Fig. 2. The precise property of this tentative spectral feature should be
tested with larger statistics of further results of DAMPE.
V. A POWERFUL NEARBY SNR AS THE DOMINANT HIGH ENERGY ELEC-
TRON SOURCE
In the previous sections, the population A is assumed to be contributed by smoothly
distributed sources. In fact, electrons with E > 1 TeV may be mainly contributed by
sources with r < 1.5 kpc and t0 < 3 × 105 yr due to the radiative cooling of the travelling
electrons. This condition can be derived by the criteria given in Appendix B of Ref. [15].
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For tend ≃ 105 yr, among observed SNRs, only the Monogem Ring (MR) and Loop I can
satisfy this condition. Other observed SNRs within 1.5 kpc are too young to contribute
to the population A. In this section, we show the scenario in which a powerful nearby
SNR dominantly accounts for the TeV spectrum of the population A, and choose MR as
an example. We take the distance of MR to be rmr = 300 pc [48], and set its age to be
tmr = 1.1× 105 yr, which is same as its associated pulsar PSR B0656+14 [49].
To calculate the electron spectrum, we consider the population A contributed by MR
and a smooth distributed SNR background. We adopt the framework in Ref. [24], but with
the electron injection introduced in the present work. The injection age of MR is tmr− tend;
the cut-off energy of its injection spectrum Ec(tend) is estimated by Eq. (10) and (16). The
spectral index of MR γmr and total energy of injected electrons Wmr are both assumed to
be free. Then we perform the fitting to the DAMPE e− + e+ spectrum and the positron
fraction of AMS-02 again, adopting Geminga as the single high energy positron source. The
population B of SNRs is not included here. The fitting result is presented in the left panel of
Fig. 3; the best-fit parameters can be found in the caption. The positron fraction is similar
to that in the right panel of Fig. 2, and thus is not shown here.
Similar to the result in Fig. 2, this scenario can also well fit the DAMPE data. The best-
fit spectral index γmr = 2.1 and total injection energyWmr = 8.8×1048 erg are reasonable for
an SNR. The spectral shape at ∼ 1 TeV in the model is mainly determined by the properties
of MR and Geminga. Thus the TeV break of DAMPE can be coincidentally generated by
one or few powerful nearby sources, as indicated by the previous works [12, 24, 51].
Meanwhile, nearby sources with young injection ages can produce significant anisotropy
of e− + e+, as the dipole anisotropy of a burst-like point source can be roughly estimated
by 3r/(2ct0) [52]. The detection of the anisotropy may help to ascertain the contribution of
high energy e−+e+ [40, 53, 54]. Since the injection age of MR is only 2×104 yr, we show the
case that MR dominates the e− + e+ anisotropy of the model in the right panel Fig. 3. We
compare the predicted anisotropy with the upper limits given by the seven years detection of
Fermi-LAT [50]. The anisotropy produced by MR almost hits the upper limits of Fermi-LAT.
Future instruments with larger acceptance and stronger electron/proton discrimination, like
HERD [55], will provide further judgement to a scenario discussed in this section. An
expectation of the sensitivity of HERD with three years measurement is shown in the right
panel of Fig. 3; one may refer to Ref. [54] for the estimation of the sensitivity.
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FIG. 3. Left panel: The e−+e+ spectrum of the model where the population A are contributed by
a nearby source MR and a smooth distributed SNR background (labeled with ’BKG Pop A’). The
best-fit parameters are: γmr = 2.1, Wmr = 8.8 × 1048 erg, Q0,A = 1.92 × 1050 GeV−1, γA = 2.36,
tend = 9 × 104 yr, γpwn = 1.93, ηpwn = 1.23, and ce = 0.57. Right panel: the corresponding
anisotropy spectrum, assuming that the MR contribution is dominant. The anisotropy is calculated
by 3rmr/[2c(tmr − tend)] multiplying the relative flux of MR. The two groups upper limits (UL)
of Fermi-LAT are given by the two different analysis methods in Ref. [50]. An expectation of the
sensitivity of HERD is also shown.
VI. CONCLUSION
In this work, we apply an electron escaping scenario of SNRs to explain the DAMPE
e− + e+ spectrum. In this scenario, most accelerated electrons are released at the final
stage of the evolution of SNRs, while a minor part of electrons may escape during their
acceleration process. The similar scenario has already been utilized in the researches of
CR protons. We also explain the e+/(e− + e+) fraction measured by AMS-02 at the same
time, using a single powerful pulsar as the primary high energy positron source. The main
conclusions are presented as follows.
1. The spectral break at ∼ 0.9 TeV can be naturally explained by the final released
electrons of smoothly distributed SNRs, which escape at an age of ∼ 105 yr.
2. The break can also be mainly induced by a single nearby old SNR, this case will be
hopefully tested by future measurements of the anisotropy of e−+ e+ flux with future
instruments, such as HERD.
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3. A minor part of electrons escaping during the evolution of nearby SNRs are able to
contribute to the TeV region significantly, owing to the hard spectral index of the
injection spectrum.
4. The single pulsar, such as Geminga, can be a dominant source of high energy CR
positrons. The sharp drop at ∼ 1 TeV of the e± spectrum from Geminga can induce
an edge-like feature at the e− + e+ spectrum, which may account for the tentative
feature of the DAMPE data at ∼1.4 TeV.
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Appendix A: Electrons Injected from a Free-escape Boundary
To describe the injection of electrons during the acceleration, we impose the free boundary
condition of f(−xb) = 0 at a position −xb in the upstream of the SNR shock [30]. At
low energies, the distribution of electrons in the upstream can be simply described by the
diffusion-convection equation. The solution is expressed as
f(x, p) = f0(p)
exp(u1x/D1)− exp(−u1xb/D1)
1− exp(−u1xb/D1) . (A1)
Then we can get the escape flux Fesc = D1∂f/∂x|xb in the whole energy range as
Fesc =
u1f0(p)
exp(u1xb/D1)− 1 , (A2)
where f0(p) ∝ p−4exp(−p2/p2c). The free-escape boundary is placed at xb = cRsh, where Rsh
is the radius of the SNR and c is a constant [13]. The radius Rsh is derived by Eq. (15) and
Eq. (16), and the injection spectrum should be proportional to FescR
2
sh. Here we take c to
be 0.01. For a larger c, particles escaping from the free-escape boundary are required to be
much more energetic than the cut-off energy due to radiative cooling. This means that few
particles could escape for a larger c.
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FIG. 4. The electron spectrum of the population B contributed by a complete group of SNRs with
a free-escape boundary (solid line), compared with the spectrum of the population B shown in the
top left panel of Fig. 1 (dashed line).
In the main text, the sources of the population B consist of only young and nearby SNRs.
Here we would like to build a complete group of the sources of the population B. Taking the
birth rate of SNe of 4 century−1 galaxy−1 and the radial distribution of SNRs given in Ref.
[34], we generate 4×105 SNRs randomly with the age from 0 to 107 yr (SNRs older than 107
yr can hardly contribute to the energy range in which we are interested). We calculate the
injection spectra for all the sources, and use Eq. (7) to obtain the observed spectrum at the
Earth. The final spectrum generated with this method is drawn in Fig. 4, compared with
the spectrum of the population B shown in the top left panel of Fig. 1. The normalization
of the generated injection spectrum has been adjusted to produce a comparable flux with
that shown in Fig. 1.
Although the contributions of distant or/and old SNRs to the population B are included,
the model described in this section generates a similar spectral shape with that predicted
by the model in Sec. IIIA 3, where only young and nearby sources are considered and the
integrated upstream spectrum is adopted as the injection spectrum. This is because that
the injection spectra from SNRs with a free-escape boundary described in this section are
much harder.
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Appendix B: The Injection Spectrum of Pulsars
Pulsars convert their spin-down energy partially to relativistic winds of e± pairs. The
young or middle aged pulsar may be surrounded by an observable PWN (see Ref. [56] and
references therein). Particles injected into the PWN are constrained in a period of time until
the crush of the PWN, and then escape into the ISM [57]. Thus the injection spectrum of
e± should be the spectrum from the PWN, rather than that from the pulsar itself [58]. The
particle acceleration and escape processes in PWNe are much more complicated than those
in SNRs. Here we simply assume that the injection process has the same time dependency
with the spin-down luminosity of pulsars (i.e., ∝ (1 + t/τ0)−2 [59]), and the e± injection
spectrum of PWNe takes the form of
Q(E, t0) = C [1 + (t− t0)/τ0]−2 (E/1GeV)−γexp(−E/Ec) , (B1)
where C is the normalization, t is the age of a pulsar, and t0 denotes the injection time.
Meanwhile, Q can be related to the total spin-down energy released by a pulsar by
∫
∞
Emin
dE
∫ t
r/c
dt0Q(E, t0)E = ηWp , (B2)
whereWp is the spin-down energy, η represents the conversion efficiency to injected positrons,
r is the distance of the pulsar, and Emin is set to be 0.1 GeV. We integrate the spin-down
luminosity E˙ with time to get the spin-down energy
Wp = E˙ t (1 +
t
τ0
) , (B3)
where τ0 is the initial spin-down timescale of the pulsar, which has a typical value of 10 kyr
[41]. E˙ and t of known pulsars are given by the ATNF catalog [60], so for each pulsar we
can perform an estimation to Wp. Then the injection spectrum of a pulsar is determined by
three parameters: η, γ, and Ec.
So far, the ATNF catalog has collected 2573 pulsars. We gave a rank of all these pulsars
by their potential of contribution to the arrival e± spectrum in Ref. [54]. One may refer
to Ref. [54] for the rule of this rank. Vela pulsar and PSR J0940-5428 are much more
powerful in e± spectrum than other pulsars. So if we intend to reproduce the positron
excess by a single pulsar, these two sources may require the smallest η. However, as we have
described above, e± may not be injected from a PWN until the crush of the PWN. It may
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take thousands of years for the reverse shock of an SNR to propagate backward and collide
with its PWN [61, 62]. Since Vela pulsar has an age of 1.1× 104 years, an injection delay of
thousands of years may push it to contribute in higher energy region of e± spectrum. While
for PSR J0940-5428, which is 4.2×104 years old, the injection delay may have less influence.
Therefore, we choose PSR J0940-5428 as the single positron source in this work.
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